Abstract We review the general theoretical concepts and observational constraints on the distribution and evolution of water vapor and ice in protoplanetary disks, with a focus on the Solar System. Water is expected to freeze out at distances greater than 1-3 AU from solar-type central stars; more precise estimates are difficult to obtain due to uncertainties in the complex processes involved in disk evolution, including dust growth, settling, and radial drift, and the level of turbulence and viscous dissipation within disks. Interferometric observations are now providing constraints on the positions of CO snow lines, but extrapolation to the unresolved regions where water ice sublimates will require much better theoretical understanding of mass and angular momentum transport in disks as well as more refined comparison of observations with sophisticated disk models.
Introduction
The first stages of planet formation begin within protoplanetary disks-the cloud of dust and gas that circle young stars during their first few million years of evolution. These disks form at the same time as their central stars, as a molecular cloud core collapses under the force of gravity. While much of the mass in the core eventually coalesces at the center to form a young star, the large amount of angular momentum in the core dictates that some of the mass settles into orbit around that star. It is within these disks that solid particles aggregate to form the seeds of planets and satellites, with the chemical compositions of these solids determined by the different environments that they are exposed to within the disk.
The physical and chemical conditions within protoplanetary disks evolve over millions of years as mass and angular momentum are transported during the final stages of their star's growth. Their structures are determined by a complex interplay between dust evolution, which affects the disk temperature, density and ionization distributions through absorption of light from the central star and any internal viscous heating, and transport processes which cause accretion, diffusion, and possibly turbulence (each of which affect the dust distribution). In particular, the specific locations of water ice and vapor within the disk, and therefore the implications for the possible delivery of water to terrestrial planets, remain uncertain due to uncertainties in transport, viscous heating, and dust growth and settling, as we discuss in this review.
Protoplanetary Disk Basics
The standard reference point in discussing the structure of protoplanetary disks is the Minimum Mass Solar Nebula (Weidenschilling 1977; Hayashi 1981) . The idea for this hypothetical disk came from trying to reconstruct the solar nebula by taking the mass of planets in our Solar System and distributing it in a series of "feeding zones" for each planet to recover a smooth distribution. Hydrogen gas was then added to recover a solar mix of elements (dust-to-gas ratio of ∼0.01 when water ice was condensed and ∼0.005 when water remained as a vapor). The total surface density (mass per unit area in a given annulus) of such a disk is given by:
This gives a total disk mass out to 100 AU of ∼0.01M . The temperature structure was found by determining the directly-irradiated blackbody temperature as a function of distance from the Sun (Hayashi 1981) :
(2) Fig. 1 Left: Two-dimensional density structure of the inner regions of the Minimum Mass Solar Nebula as described in the text. Contours represent log 10 of the total gas mass density. The dashed lines represent the heights of 1, 2, and 3 scale heights within the disk. Right: Two-dimensional distribution of water vapor in the disk. Canonical H 2 O/H 2 number ratios are 5×10 −4 , which are found inwards of the midplane snow line (just inward of 3.5 AU here). Contours are log 10 of the H 2 O/H 2 ratio.
It is not clear how accurately the above structure reflects the properties of the solar nebula. For example, there are significant uncertainties in the temperature structures of protoplanetary disks because they are optically thick, at least to the star's radiation and in parts to their own internal radiation field, and viscous dissipation may serve as an additional source of heating, so that the application of equation (2) is questionable (see discussion in §1.4). As we discuss further below, disks are also evolving due to a variety of processes, transporting mass inward to be accreted by the central star or losing mass due to photoevaporative radiation; thus the surface density and temperature are unlikely to be constant in time. Moreover, the mass of the MMSN is a minimum by definition, and other models suggest higher surface densities (Desch 2007) . Despite these issues, the MMSN serves as a reference model to illustrate key properties and structures by which we can understand real protoplanetary disks. Proceeding further, one must consider the vertical structure of the disk, assumed to be set by hydrostatic equilibrium as follows:
where ρ g is the z is the height above/below the disk midplane and h g is the disk scale-height, with h g = c s /Ω, where c s is the local speed of sound and Ω the local Keplerian frequency. For simplicity, the disk is assumed to be vertically isothermal, allowing c s and h g to be constant with height. Figure 1 shows the plot of the gas density structure for the MMSN around the terrestrial planet region of the Solar System. In the absence of any dust dynamics (see below), small dust grains will be suspended within the disk, at least initially, determined largely by whether water is condensed or not as described above.
Snow Line
A key element in the discussion of water is the location of the snow line (SL) in the disk; that is the distance from the star where water begins to freeze-out and become a solid. Any water vapor that moves outward from this location condenses, while any water ice that migrates inward evaporates, and thus this location is also referred to as the water ice condensation/evaporation front. This location can be determined from both equilibrium and kinetic arguments. In the equilibrium approach, the snow line is set based on thermodynamic data; that is, it is the location in the disk where, if all water was present as a vapor in the disk, its partial pressure would exceed the equilibrium vapor pressure at the local temperature. An alternative approach defines the location of the snow line based on chemical kinetics, which is useful as thermodynamic equilibrium is not always achieved in a protoplanetary disk. In this manner, the snow line can be determined by finding where the freeze-out (adsorption) flux of water molecules onto grains equals the desorption flux of molecules off of grain surfaces. Following , the two fluxes can be expressed as:
where n H2O is the local number density of gaseous water molecules, v th is the thermal velocity of those water molecules, E b is the experimentally determined binding energy of water onto a grain surface, N s is the density of adsorption sites on the surface of a grain (∼10 15 cm −2 ), and ν 0 is a vibrational frequency of order 10 12 s −1 . In instances where F des > F ads , water remains completely in the vapor phase. When F ads > F des , water molecules begin to freeze-out onto dust grains until n H2O drops to a value such that the two fluxes are equal. Taking the water (vapor+ice) to hydrogen ratio throughout the disk as a constant n T ot H2O /n H2 ∼ 5 × 10 −4 (Lodders 2003; Cleeves et al. 2014 ) and typical protoplanetary disk midplane (z=0) conditions, the snow line will generally occur at temperatures of T ∼120-170 K. These temperatures are in general agreement with those predicted from equilibrium studies (e.g. Lodders 2003) .
The snow line is often pictured as being a singular radial location in the disk, R SL , the point at the disk midplane where F ads = F des can only be maintained if some of the water in the vapor phase is removed and put onto solids. However, due to the decrease in gas density with height above the disk midplane, the snow line actually has a vertical structure. If the disk is vertically isothermal, F ads will decrease exponentially with height (following the background gas density as assumed in Eq. 3), while the desorption flux will remain constant. Thus, the snow line will begin at the disk midplane at R SL , with only a small fraction of water being incorporated into solids and the rest remaining as vapor with height. As seen in Fig 1. for r > R SL , the amount of water in the disk present as ice increases; this is due both to the increasing height of the snow line and the drop of temperatures leading to more water being removed from the gas phase.
Dust and Gas Dynamics in Protoplanetary Disks
Upon formation of a protoplanetary disk, the dust grains and gas are generally thought to be uniformly mixed, with ∼99% of the mass found in gas and ∼1% as condensed solid grains ranging from submicron to microns in size (Lodders 2003) . Over time, the solids and gas will be subjected to a series of dynamic processes which will lead to them evolving differently from one another and aid in the formation of planetary building blocks.
While the vertical structure of the gas in a protoplanetary disk is determined by the hydrostatic balance between the component of stellar gravity that pulls material towards the disk midplane with the pressure of the gas, solids feel less pressure support and will settle through the gas toward the midplane. Larger solids settle more rapidly than fine dust. Turbulence, if present, will work to offset the growing concentration of solids at the disk midplane, lofting materials to higher atltitudes again. The extent to which solids of a given radius, a, settle in a disk is determined by the dimensionless stopping time of the particle:
where ρ is the material density of the solid. (This quantity is also referred to as the Stokes number in the literature. e.g. Cuzzi et al. 1993) . The amount of turbulence in a disk is uncertain, as described below. Models typically quantify it by defining a dimensionless parameter, α which produces an effective viscosity, ν=αc s h g . This turbulence would also produce a diffusivity within the gas which is often taken as D as being of order ν, though differences in magnitude are possible. If we assume D=ν, for the particles we are interested in, then those with τ s /α << 1 will remain suspended throughout the height of the disk (giving them a dust layer thickness of h d ∼ h g ), while larger particles will settle into a dust layer with thickness (Youdin and Lithwick 2007) :
It is worth noting that larger particles, as they decouple from the gas, will have effective diffusivities less than that of the gas. Turbulence may also redistribute materials radially in the disk, but this is only important for gases and small solids (those small enough to remain coupled to the gas with τ s < α). Larger particles will also begin to decouple from the gas through their radial motions in the disk. While the gas in the disk orbits its central star, its velocity is usually slightly less than Keplerian due to the generally outward pressure gradient (hot, dense gas near the star; cool, sparse gas further out). Thus, while the star exerts a gravitational force on the gas, the net central force is somewhat less due to the pressure support it experiences. Solid particles get negligible support from this pressure gradient, and thus would otherwise orbit the star at Keplerian rates. As a result, the solids experience a headwind in their orbits around the star. Solids with τ s 1 continue to remain coupled to the gas and are minimally affected by aerodynamic drag, while those with τ s 1 have so much inertia that the headwind can largely be ignored. However, those particles with τ s ∼0.01-10 (typically mm to meter sizes) drift inwards as a result of the loss of energy and angular momentum arising due to the headwind.
The collective effect of these dynamical mechanisms results in a complex evolution of the dust-to-gas ratio as a function of time, with important but uncertain consequences for the building of large bodies and the global water distribution, as discussed next.
Viscous heating and radiative transfer effects
The simple optically-thin equation (2) for the disk temperature is unrealistic because protoplanetary disks are optically thick to radiation from the central star. Beyond a few AU or so, temperatures are dominated by irradiation from the central star. The precise heating rate is dominated by the "flaring" of the disk (i.e., the layers which absorb the starlight lie at heights z/R ∝ R η , η > 0; Kenyon and Hartmann (1987) ). In the case of dust particles with properties similar to that of the interstellar medium (ISM) that are well-mixed with the gas, the simple model of Chiang and Goldreich (1997) for opticallythick disk absorption of starlight yields an effective (disk surface) temperature distribution T e,r ∝ R −3/7 , while more detailed models yield a slightly steeper dependence on radius, et al. 1998, 2001) , where the stellar luminosity is in units of solar. However, the midplane temperature for such optically-thick disks is considerably lower, often by a factor of two at a few AU. It appears that irradiation heating by itself is not able to move the water snow line significantly out beyond 1 AU, which poses problems for understanding how chondritic meteorite parent bodies, thought to form outside of ∼1 AU late in solar nebula evolution, are water-poor (e.g. Abe et al. 2000) . The apparent limitations of stellar irradiation for explaining the variation of water abundances in the solar system has led to proposals that accretion heating is the dominant factor setting the disk central temperature (e.g., Garaud and Lin 2007; Kennedy and Kenyon 2008; Bitsch et al. 2015) . To fix ideas, consider a toy model of a optically-thick, steady, viscously accreting disk, with effective temperature of
where we have assumed fiducial values of a central star of one solar mass and an accretion rate of 10 −8 M yr −1 as typically observed. If the disk is very optically thick and the viscous dissipation occurs near the midplane, radiative trapping can increase the central temperature T c,a over T e,a by a factor of ∼ (3τ /8) 1/4 (Hubeny 1990 ), where τ is the vertical Rosseland mean optical depth. The optical depth is τ = k R Σ/2, where k R is the Rosseland mean opacity and Σ is the surface density of the disk, which is related to the mass accretion rateṀ in the standard (vertically-isothermal) viscous disk aṡ
bf where α is the usual parameterization of the viscosity (see §3) and c s is the sound speed. The result is
where α −3 is in units of 10 −3 and R g is the gas constant, and for simplicity we have ignored any temperature or density dependence of k R .
Assuming ice condenses at temperatures 170-120 K, and setting k R ∼ 1 cm 2 g −1 , the crude estimate of equation 11 indicates a snow line at ∼ 2.1 − 3.1 AU for the fiducial parameters, is reasonably consistent with more detailed calculations (e.g., Bitsch et al. 2015 , see Figure 2 ). However, this estimate may well be an upper limit to the increase in temperature due to viscous heating. As discussed in §1.3, dust evolution is likely to reduce the optical depth, as growth beyond the ISM grain size distribution will have lower opacities. Emprical estimates suggest depletion of small dust in the upper disk layers by factors of 10 −1 to 10 −3 ( §2.1, Furlan et al. 2006) ; presumably this is the result of growth as the large particles settle to the midplane (as needed to explain mm emission; D'Alessio et al . 2001)). The lower panels of Figure 2 show that the snow line moves in to R ∼ 1 AU for a depletion of 10 −2 of small dust in the upper layers. Theory suggests that such depletion should occur rapidly (depending upon the level of turbulence present), so the assumption of no depletion seems problematic.
Higher accretion rates and fragmentation to replenish small dust grains can help compensate for reduced trapping of heat by dust depletion (e.g., Bitsch et al. 2015) . However, mass accretion rates drop significantly with time, on timescales of 3 Myr or less ( §2.2; Hartmann et al. (2016) ) and dust growth even with fragmentation is rapid ( §2.1). Morever, it is not clear that viscous dissipation occurs mostly near the midplane, or even that viscosity is important in transporting angular momentum in large regions of the disk, making its importance as a heat source questionable (see §3).
Major outbursts of rapid accretion -up to 10 −4 M yr −1 -are known to occur in some young objects (the FU Ori variables; Hartmann and Kenyon 1996) , whose disks are demonstrably internally-heated and thus viscous-dissipation dominated. Such high accretion rates can move snow lines farther out (Cieza et al. 2016 ), but these large outbursts are confined to early evolutionary phases (ages < 1 Myr); any remnants of these episodes may well be accreted into the star by the time of planetesimal formation. Upper panels: gas (left) and dust (right) temperatures for a detailed radiative transfer model with viscous heating withṀ = 10 −8 M yr −1 , α = 10 −3 . The SL at the midplane lies at R ∼ 2 − 3 AU, in agreement with equation 11 for the toy model. Lower panels: the same global model properties, but now assuming that small dust is depleted by a factor of 100 in the upper layers. Now the SL moves inward to ∼ 1 AU, due to the decreased trapping of the viscously-generated radiation. Courtesy Nuria Calvet and Ramiro Franco Hernandez.
Observational constraints on disk structure and evolution
The density and internal temperature structure of protoplanetary disks are not well constrained. Most of our direct information is limited to scales of several to to hundreds of AU. The inner disk structure near the expected snow line at a few AU (for a solar-luminosity star) is not easily resolvable with current techniques, and there are indications that inner disks are optically thick (due to dust) at mm wavelengths. One therefore must work to connect models and observations on larger scales to attempt any extrapolation to the water SL.
Dust
Most of what we infer about the radial and vertical temperature and density distributions of disks comes from observations of dust emission, as cold molecular hydrogen is not detectable and most other molecular tracers are either optically-thick, are activated only in disk upper layers, or are subject to uncertainties in chemical reaction rates. As shown in Figure 3 , we infer that the dust in disks around solar-mass pre-main sequence (T Tauri) stars exhibit a sort Fig. 3 The left panel schematically indicates structure of solar-mass pre-main sequence (T Tauri) disks. Small dust must be mixed with the gas to at least a few scale heights to explain the observed infrared dust emission (right panel), both in terms of a continuum and also to explain the silicate emission feature at λ ∼ 10µm. Large (mm) dust must be present to explain the long-wavelength emission; presumably this dust resides in a relatively thin layer at the disk midplane. The set of mid-infrared spectral energy distributions in the right panel, taken from Furlan et al. (2006) , is suggestive of a sequence of increased settling of dust, making the infrared excess fall off faster to longer wavelengths, along with a decrease in the strength of the silicate emission feature which may indicate grain growth. Note that while some stars exhibit emission consistent with amorphous silicates (e.g., IP Tau), others clearly show the presence of crystalline silicate particles (e.g., DK Tau).
of "two layer" structure, with large dust concentrated near the disk midplane and small dust suspended in upper layers to a few scale heights. The 10−20µm silicate emission features seen in most T Tauri disks can be explained by dust with sizes smaller than a few µm, while the amount of mm-wave emission is only explainable with reasonable dust masses if the grains have sizes of order 1 mm or larger (e.g., D 'Alessio et al. 2001) . Placing the small dust in upper layers where the vertical temperature inversion (caused by irradiation due to the central star) results in emission features, while distributing the large dust closer to or in the midplane avoids the elimination of silicate features.
As dust grows and settles to the midplane (see §1.3), small dust becomes depleted in the upper layers. Indeed, theoretical models of this process in the absence of significant turbulence suggest this should happen quickly, posing challenges to explain the observed existence of suspended small dust in disks of ages as small as ∼ 1 Myr (Dullemond and Dominik 2005; Birnstiel et al. 2011) . Empirical estimates of small dust depletion in upper disk layers are difficult to make with any accuracy, but current models to explain observations suggest depletions by factors of 10 to 1000 (D'Alessio et al. 2001; Furlan et al. 2006) , with significant implications for radiative trapping of viscous heat ( §1.4).
Efforts to demonstrate grain growth generally are based on observations of spectral indices in the mm-wave region. Small ISM dust has a steep dependence of opacity on frequency k ν ∝ ν −β , with β ∼ 1.7, as a consequence of the limited sizes of the largest grains (∼ 0.3 µ). Observations of mm-wave and cm-wave emission from disks at distances of ∼ 20 − 100 AU indicate much smaller values of β ∼ 1 or even 0, indicating growth to at least mm or even cm sizes (Pérez et al. 2012 ). Unfortunately, maximum particle sizes cannot be determined once dust grows in size beyond the wavelengths of observation; in this case β is determined by the shape of the particle size distribution. As emission at cm wavelengths is generally quite weak in outer disks (50-100 AU), currently it is not possible say anything about > ∼ cm-sized dust at large radii.
Given the uncertainties in dust (and solid) size distributions, dust disk masses must be considered to be lower limits; that is, what is being measured at mm wavelengths is only the amount of mass in solids of sizes ∼ 100µm to ∼ a few mm. The survey of (Andrews and Williams 2005 ) yielded a median "disk mass" (100 x the solid mass) of ∼ 0.005M . Statistical estimates from gas accretion yield somewhat larger values ( §2.2).
Another complicating effect in addition to vertical settling is radial drift. This effect has been seen in a number of objects, most clearly in the nearby T Tauri star TW Hya with mm-dust grains having a sharp edge at ∼60 AU, while CO gas emission is seen out to ∼200 AU . As drift of mm-cm sized particles is quite rapid, this causes some problems in understanding the existence of dust in this size range out at > ∼ 50 AU, particularly in this relatively old object (age ∼ 10 Myr).
Gas
The only current constraint on the mass of molecular hydrogen in disks is the estimate of M d ∼ 0.06M from analysis of HD in TW Hya . Even this result is model-dependent, as it relies both on the assumed isotopic ratio and, more importantly, the disk temperature structure, as HD does not probe the coldest regions where most of the mass resides. Williams and Best (2014) attempted to use rotational emission lines of 12 CO, 13 CO, and C 18 O isotopologues to correct for optical depth effects and variations in gas temperatures as a function of radius and height. Assuming a conversion of CO to H 2 , they derived gas masses of order 10 −3 M , an order of magnitude smaller than expected from dust masses (times 100). More importantly, such gas masses are also an order of magnitude too small to sustain typical accretion rates of 10 −8 M yr −1 over timescales of 1-3 Myr (see below). One possible resolution is that CO freezes out onto grains, removing it from the gas phase and thus rendering it undetectable in mm-wave rotational line emission.
Gas mass accretion rates (Ṁ ) are important in providing statistical upper limits to the possible viscous heating in disks.Ṁ increases with increased stellar mass and decay with age. The best fit for T Tauri stars with a median age of about 1-2 Myr derived by G. Herczeg is Fig. 4 Observationally estimated accretion rates of T Tauri stars at typical ages ∼ 1−2 Myr as a function of stellar mass. There is a clear trend of increased mass accretion with increasing stellar mass, though there is substantial scatter. The dashed line indicates the rate that would result in accreting 10% of the stellar mass from the disk; it seems unlikely that disks can be considerably more massive than this, as they would be gravitationally unstable.
(Stars with masses > 1M appear to have shorter average disk lifetimes.) The data suggest that T Tauri stars typically accrete a mass equal to the inferred dust masses, suggesting that the mm-wave emission analysis generally underestimates the gas mass. Modified from Hartmann et al. (2016) .
(see Hartmann et al. 2016) . As one can see from Figure 4 , there is a large scatter at any mass, more than the factor ∼ 0.5 dex expected for observational errors. Accretion rates also generally decrease with increasing age (Figure 5 ), although the rates of decay are uncertain, due in part to difficulties in assigning ages to individual young stars (Soderblom et al. 2014 ). This decrease inṀ with time, along with the likely depletion of small dust with increasing age, indicates that the snow line should move inward during the main optically thick disk lifetime ( §1.4). The "lifetimes" of disks as judged from either infrared dust emission (left panel of Figure 5 ) or from the ending of detectable accretion onto the central star (Fedele et al. 2010) , exhibit a significant spread. The "usual" disk lifetime is often given as 3 Myr, but a few (optically-thick) disks survive to ∼ 10 Myr, while others last for < ∼ 2 Myr. It appears that both dust emission and accretion disappear fairly rapidly (see below), so there must be something like a two-phase behavior, with a moderate decay lasting for 1-10 Myr and a rapid decrease over < 1 Myr. This rapid clearing could be produced by photoevaporative mass loss from the disk driven by X-ray or other high-energy radiation (Alexander et al. 2006; Owen et al. 2011) , or by giant planet formation.
Gaps and holes
The advent of sensitive, high-spatial resolution mm-wave interferometry, especially using the Atacama Large Millimeter and Submillimeter Array (ALMA), has revealed that major radial structuring of protoplanetary disks is far more Fig. 5 Left: frequency of detectable infrared dust disk emission in the IRAC bands 3.5−8µm as a function of group or cluster age. From Hernández et al. (2008) . Right: dependence of mass accretion rates on age, scaled to account for the mass dependence of equation 12 for stars with masses in the range 0.3-1.0 M (see also Fig. 4) . The mass-accretion rate relationship is calculated for objects with mass between 0.05 − 1 M . The resulting fit is uncertain due to correlated errors (see text). The arrows emphasize that significant numbers of accreting disks "drop out" with increasing age. From Hartmann et al. (2016) .
common than previously realized. Disks of substantial masses but with inner holes strongly depleted in small dust have been increasingly recognized (the "transitional disks"; Calvet et al. 2002; Espaillat et al. 2014 ; Figure 6 ). In addition, there are also disks with inner disk dust as well as a large gap (the "pre-transitional disks"; Espaillat et al. 2007 ). Recent observations suggest that the gas within these holes and gaps (Bergin et al. 2003; Najita et al. 2007; Ingleby et al. 2009 ) is also depleted, although by smaller factors than of the dust (van der Marel et al. 2016). Because observations still generally detect only the largest holes and gaps, the new results suggest that there may not be any truly "primordial" or "protoplanetary" disks once the infall of envelope material to the disk during the protostellar phase has ended. Significant formation of planetesimals and embryos, if not planetary cores, probably begins very early, < ∼ 1 Myr, especially if giant planets are responsible for creating large disk holes and gaps. This is consistent with evidence from the Solar System; rapid formation of planetesimals is supported by radiometric dating of iron meteorites, which suggest planetesimals formed in our solar nebula concurrently or within 10 5 years of the formation of CAIs, the oldest objects in our Solar System, and which define t=0 in cosmochemical clocks (Kruijer et al. 2014) . Such bodies would predate the accretion of chondritic meteorite parent bodies by 2-3 Myr (Connelly et al. 2012 ).
An interesting sidelight to the presence of gaps and holes strongly cleared of small dust in young disks is the possibility that even rapid planetesimal and embryo formation might occur in optically-thin regions (see §5). 
Observations of Water in Protoplanetary Disks
Water vapor has been detected in several T Tauri and Herbig Ae/Be stars (Carr and Najita 2011; Brittain et al. 2015; Blevins et al. 2015) . H 2 O emission lines are seen superposed on the strong dust continuum, showing that they arise in upper layers of the disk, with typical gas temperatures ∼ 600 K (Carr and Najita 2011). Unfortunately, translating these observations of surface water vapor, estimated to originate at radii ∼ 0.5 − 5 AU, into midplane snowline positions is highly model-dependent (Blevins et al. 2015) , particularly because the high temperatures of the upper disk gas layers tend to reflect heating by stellar X-rays and ultraviolet radiation (Glassgold et al. 2009 ).
Detection of where water starts to freeze out onto grains has proven to be more challenging. Even with the vast improvements made by the ALMA interferometry, spatial resolution is limited to a few AU in the nearest star-forming regions, and to the brightest objects. As a check on our general understanding of disk temperature structures, CO snow lines have been detected indirectly at scales of tens to nearly 100 AU , depending upon the luminosity of the central star. CO was not directly observed; instead, the inner edge of emission from N 2 H + was taken to be the position of the CO snow line because this ion is only abundant in regions where CO is depleted from the gas. Similar tracers do not exist for H 2 O, making detection of the water snow line a challenge. Further, the likely positions of water snow lines in the nearest protoplanetary disks are at the edge or below current imaging capabilities. suggested that the water snow line might be inferred from a change in the spectral index due to the decrease in dust size and optical properties as water ice is sublimated, but the potentially optically-thick nature of the inner disks may make these observations difficult. Crystalline water ice has been detected in a few disks from spatially-unresolved observations (Mc- Clure et al. 2015), but these observations undoubtedly trace outer regions at tens of AU or more.
Observational limits on turbulence
The magnitude of turbulence in planet-forming disks plays an important role in allowing (or preventing) coagulation/growth of solids, as well as affecting both mass and angular momentum transport. Unfortunately observational constraints on turbulence are extremely limited. Observations of the firstovertone lines of CO have yielded estimates of transsonic turbulence in the upper layers of disks at radii < ∼ 1 AU in a few systems, but these objects are either relatively luminous (Najita et al. 1996 or very rapidly accreting (Hartmann et al. 2004) , such that temperatures are likely high enough to support the magnetorotational instability (MRI) via thermal ionization ( §3). The most detailed limits so far for colder disk regions come from the recent ALMA study of the large disk surrounding the L ∼ 35L A-type star HD 163296 (Flaherty et al. 2015) . Using a sequence of CO isotopologues to deal with issues of temperature structure, excitation, and optical depth, Flaherty et al. conclude that non-thermal motions in the upper disk layers are no more than about 3-6% of the local sound speed at R > ∼ 30 AU (see Figure 7) , an order of magnitude less than expected for full MRI turbulence, though still significant enough to play a role in mixing and transport of disk materials.
3 Turbulence, winds, and mass and angular momentum transport Turbulence can play an important role in disk density and temperature structures via its effects on viscous dissipation and mass transport. As discussed in §2.2, to maintain observed accretion rates over evolutionary timescales seems to imply transport of a significant fraction of initial disk masses into the central star. Turbulence can also affect the amount of heating by light from the central star if it stirrs up small dust grains (Dullemond and Dominik 2005) , enhancing their vertical scale height relative to the gas (Fromang and Papaloizou 2006) .
In the case of fully-ionized disks, the magneto-rotational instability (MRI: Balbus and Hawley 1998) produces efficient turbulent angular momentum transport, with viscosities parameterized by the parameter α ∼ 10 −1 − 10 −2 ( §1.4). However, as they are comparatively dense and cold, protoplanetary disks (PPDs) are generally expected to have extremely low levels of ionisation deep in their interiors (see Turner et al. 2014 , for a recent review). Only inner ( < ∼ 0.3 AU) regions of protoplanetary disks with higher temperatures and surface layers ionised by hard radiation (such as FUV photons, X-rays, cosmic rays) from the magnetically active central star (see section 2.5 in Turner et al. 2014) , or potentially from an actively star-forming nearby cluster environment (Kalyaan et al. 2015) , can result in effective coupling of the ions with the neutral gas. Cosmic rays could be especially important in ionising gas, particularly in the outer disk where column densities are low, but deflection by the stellar wind or magnetic fields might prevent them from becoming important ). The ionising events from external sources are balanced by recombination with gas-phase ions and, in the presence of sub-micron-sized dust, by absorption on the grain surface. Based on estimates of the abundance of free electrons and the collision regimes characteristic of various regions within the disc, it is now commonly accepted that all three non-ideal MHD effects, namely, Ohmic resistivity, ambipolar diffusion (AD), and the Hall term have to be considered in the generalised Ohm's law to arrive at sound conclusions for the overall dynamical state of PPDs (e.g. Salmeron and Wardle 2003; Bai 2011 ).
Ambipolar diffusion affected laminar disks
The inclusion of ambipolar diffusion has strongly modified the original layered model assuming only Ohmic resistivity, with an MRI-active upper disk layers providing the angular momentum transport and viscous heating (Gammie 1996) . assumed only Ohmic resistivity, with Studies by Bai and Stone (2013) , Bai (2013) , and Simon et al. (2013a,b) show that in the absence of net vertical flux, the MRI is typically suppressed in wide radial stretches of typical T Tauri disks and standard solar-nebular models, and the resulting state is a laminar flow with negligible angular momentum transport. Moreover, otherwise laminar regions in the inner disk (roughly speaking R 1 − 20 au) can launch a magnetocentrifugal wind within the FUV-ionised surface layers. Such ADassisted magnetic winds were actually explored in prescient work by Königl (1989) and Wardle and Königl (1993) , who developed self-simular steady disk solutions matching to the wind solutions of Blandford and Payne (1982) , and illustrate many of the main features of subsequent numerical simulations Bai and Stone (2013); Simon et al. (2013a) ; . However, due to technical limitations (such as finite computational volumes), mass loading and mass loss rates are uncertain. Since the role of the far-UV ionised upper disk surface is crucial (Perez-Becker and Chiang 2011), the shielding of the required energetic photons needs to be assessed to corroborate the foundation of the mechanism.
A noteworthy feature of AD laminar accretion disks is the existence of thin current layers, which have both been found in the local models of Bai and Stone (2013) , and the global ones of Gressel et al. (2015) . These current layers can produce strong radial streams of material (at ∼ 30 − 40% of the sound speed), and can potentially provide non-negligible amounts of radial mass transport. As has recently been argued by , laminar MHD winds can in principle team up with photoevaporative acceleration (e.g. Alexander et al. 2006 ) to remove mass and limit disk lifetimes (see §3.3).
Magnetic self-organisation and the Hall effect
Although suggestions of the importance of the Hall effect in PPDs have been made for some time (e.g., Wardle and Königl 1993) , it has only recently been included in detailed numerical simulations. Complicating matters, the dynamical outcome of the Hall effect depends upon the mutual sign of the rotation vector (represented by Ω) and large-scale magnetic flux (represented by B). The Hall drift has the effect to either boost (in the case of Ω · B > 0) or impede (conversely for Ω · B < 0) linear growth Bai 2015) of the MRI. Notably, with a somewhat modified ionisation model, found bursty behaviour in the latter case.
While the MRI relies on the combination of field induction and plasma inertia (described by perturbations δv and δB), there is an even simpler instability that strictly only relies on the induction equation (and perturbations δB) -this has been termed the Hall-shear instability (HSI, Kunz 2008) . As studied for the case of a simplified Hall coefficient that results in a fixed length scale, l H ≡ η H /v A , the HSI can lead to self-organisation behaviour (for l H H) and, depending on the strength of the effect, creates azimuthally confined zonal bands and/or vortices.
MRI in the context of Hall-MHD has so far been studied in unstratified (Sano and Stone 2002; Kunz and Lesur 2013) and stratified Bai 2014) shearing-box models, and in unstratified cylindrical disk models (O'Keeffe and Downes 2014; Béthune et al. 2016) . The microphysics of the Hall effect is complicated by many uncertainties, such as the population of small grains and their charge.
The presence of strong self-organising azimuthal field belts naturally begs the question of buoyant stability of these configurations, the study of which will demand vertically-stratified global disk models. As emphasised by Xu and Bai (2016) , and demonstrated by Gressel et al. (2015) in the context of AD, the field-strength dependence of diffusion coefficients, that is η H ∼ B and η A ∼ B 2 , opens the possibility of highly non-trivial evolution of the system once it reaches non-linear field amplitudes. Finally, a spatial gradient in the coefficients (for instance at the FUV interface as shown by Gressel et al. 2015) can produce non-negligible electromotive forces (potentially leading to significant dynamical effects) all by itself.
Photoevaporative mass-loss
In addition to magnetically driven winds and jets, protoplanetary disks can also lose mass through photoevaporation. Stellar UV and/or X-ray irradiation heats the disk surface to ∼ 10 3 -10 4 K, and beyond some critical radius (typically 1-10AU) the hot gas is unbound and escapes as a wind (e.g. Alexander et al. 2014; Gorti et al. 2016) . Photoevaporative disk winds have now been observed directly in a number of objects (e.g., Pascucci and Sterzik 2009; Sacco et al. 2012) , and are probably responsible for clearing the outer disk. If a magnetic field is present, the thermal pressure can complement the magnetic acceleration to enhance mass loss and remove angular momentum ( §3.1).
The impact of photoevaporative mass-loss on volatiles, and water in particular, is less clear. The wind is typically launched from the upper layers of the disk, and can entrain particles at least as large as µm-size grains (Takeuchi et al. 2005) . Moreover, the mass-loss is concentrated at a radius (∼1-10AU) comparable to the snow line, and could therefore carry away water in both gaseous and solid phases. The impact on the disk's chemical composition therefore depends critically on its radial and (especially) vertical structure, but there has been relatively little exploration of this issue in the literature. Most relevant is the work of Guillot and Hueso (2006) , who showed that photoevaporation can play a role in enriching the solar system gas giants in noble gases. However, in light of our improved understanding of both mass-loss and turbulence, more detailed modelling is required if we are to assess the importance of this process more critically.
3.4 Implications for disk structure, turbulence and heating Figure 8 summarizes the recent ideas about PPD structure, turbulence, and transport. In the inner disk, thermal ionization results in MRI transport. Beyond about 0.3 AU (for a low-mass central star), ionization levels are high only in surface layers due to the limited penetration of X-rays (and maybe cosmic rays). Magnetic fields threading the disk can produce outflows (probably enhanced by photoevaporative heating), resulting in angular momentum transport and accretion in thin layers where AD begins to become important. The Hall effect can produce strong azimuthal fields, and may result in qualitatively different behavior depending upon the orientation of the magnetic field relative to the angular momentum vector.
It must be emphasized that the operation of all these non-ideal MHD processes depend upon the amount to which the disk is able to keep magnetic .
flux, which is poorly constrained (Okuzumi et al. 2014; Guilet and Ogilvie 2014) , and will likely depend on the level of disk turbulence, as well as the effective magnetic Prandtl number (Fromang and Stone 2009 ) of the turbulent flow. This has helped stimulate interest in hydrodynamic instabilities which can operate in the absence of magnetic stresses, such as the vertical shear instability (Nelson et al. 2013; Stoll and Kley 2016) , the convective overstability instability (Lyra 2014; Klahr and Hubbard 2014) , the "zombie vortex" instability (Marcus et al. (2015) ; but see Lesur and Latter (2016) ). These instabilities (which depend critically on rates of radiative relaxation; Malygin et al. (2017) ) generally result in low viscosities and/or transport, with α ∼ 10 −4 , but this could be enough to produce important effects on mass transport and dust coagulation. Finally, it has even been suggested that, in very low viscosity disks, planets (super-Earths) can actually produce strong enough spiral waves which reduce their inward migration while producing observable accretion rates (Fung and Chiang 2017) . Obviously our understanding of PPDs is highly uncertain; tentatively, one may conclude that both theory and observations are driving us to a picture in which most of the disks are subject to low levels of turbulence.
A Framework for Water Evolution in Protoplanetary Disks
As discussed above, there are still significant uncertainties in the extent to which the different processes described above impact how protoplanetary disks are structured and evolve. A greater complication arises as we work to understand how all of these processes operate simultaneously to shape the distribution of water in the disk. That is, as solids grow to different sizes, with water being incorporated into bodies with differing dynamical properties, the distribution of water ice and vapor will continuously evolve over the lifetime of the protoplanetary disk. Here we outline a framework for understanding how this evolution may proceed, and the impact it may have on different aspects of planet formation.
Early on in disk history, dust grains will begin to coagulate and form larger and larger solids. Outside the snow line (r > R SL ), water ice-bearing solids will concentrate at the disk midplane as a result of settling, resulting in enhanced H 2 O/H 2 values. Water vapor at high altitudes can diffuse downward and freezeout on these solids, only returning again as the fine-dust that remains strongly coupled to the gas is lofted to high altitudes allowing desorption to occur again. As the abundance of fine grained dust becomes depleted, the amount of vapor present at high altitudes in the disk diminishes, effectively lowering the height of the snow line. This is a result of the water vapor concentration decreasing, meaning the desorption flux will exceed the adsorption flux through more of the disk (Krijt and Ciesla 2016) .
As radial drift becomes important, with solids millimeters and centimeters in size marching inwards, the location of the snow line will become blurred. The most rapidly drifting solids, those millimeters to meters in scale, have drift timescales that are short compared to their sublimation timescale (Cyr et al. 1998; Piso et al. 2015) . As a result, icy solids may be found inside of R SL . The exact distance to which icy solids would survive drifting inside the snow line depends on the details of the temperature gradient in the disk, but may be as much as 1-2 AU.
As these icy solids sublimate, the water will return to the gas phase. Because the inward drift of solids can be rapid (inward drift rates will be of order cm/s to m/s relative to the gas), the delivery of water vapor to the inner disk can be much faster than the rate at which it is redistributed by radial diffusion. This imbalance will lead to water vapor becoming enhanced in the inner disk, with concentrations increasing either until the outward flux of water vapor via diffusion equals the inward flux from drifting pebbles, or until inward drift ceases either because the pebbles are accreted by growing planets or are no longer able to form due to the depleted reservoir of solids in the outer disk (Cuzzi and Zahnle 2004; Ciesla and Cuzzi 2006; Estrada et al. 2016 ). Detailed models suggest that water vapor enhancements of a 3-5× over the "canonical" value could be seen inside the snow line (Ciesla and Cuzzi 2006; Estrada et al. 2016) 1 . Once the inward drift of icy solids slows, vapor diffusion will remove water vapor by carrying it beyond the snow line to freeze-out again. If the ice is locked 1 Ciesla and Cuzzi (2006) used an incorrect form of the equation describing the diffusive redistribution of materials; correction of this term leads to changes in the predicted concentrations of a factor of a few. Estrada et al. (2016) provided a more rigorous treatment of growth and transport and found that the qualitative relationships and behaviors hold true.
up efficiently beyond the snow line so that it cannot drift inward again, then the inner disk will become continuously depleted in water vapor throughout the rest of its lifetime (Stevenson and Lunine 1988; Cyr et al. 1998; Cuzzi and Zahnle 2004; Ciesla and Cuzzi 2006) . This diffusion serves to increase the ice concentration just beyond the snow line, meaning that the the region just beyond the snow line is expected to become enhanced in solids. The migration of the snow line over time, as a result of the evolution of the disk, would set exactly where such enhancements would occur. The particulars of disk evolution may change things, as if the net flows of gas around the snow line, depending on their orientation, could carry the water vapor enhanced/depleted gas inside the snow line outward/inward, or the ice enhanced/depleted gas inward, which would impact the overall distribution of water in the disk over time.
Implications of Water Evolution for Planet Formation
The varying dynamic properties of water-bearing species will lead to continuous evolution in the distribution of water within the disk, both in the gas and solid phases. The magnitude and timescale for this evolution will depend on many uncertain parameters, including the efficiency of particle growth and the level of turbulence (diffusion) within the disk. There is, however, a number of features in full-born and proto-planetary systems that may be linked to this evolution which we discuss here. By understanding these relationships, perhaps we can begin to evaluate the uncertainties in the parameters which describe protoplanetary disk processes.
The concentration of solids that would develop just outside of the snow line due to the inward drift of ices from greater heliocentric distances and the outward diffusion of ices may serve to seed the early stages of giant planet formation. Stevenson and Lunine (1988) originally suggested that the outward diffusion of vapor from the inner Solar System to beyond the assumed snow line location of 5 AU could have been a catalyst for the formation of Jupiter, as a massive core could grow more readily from the higher concentration of mass then expected. While disk temperatures are predicted to be such for the snow line around a solar mass star to have been located closer to 1-3 AU, it is also possible that Jupiter did not form at its current orbit, and may have migrated outwards to its current location at some later point (e.g. Walsh et al. 2011) . Further, a general view for many large exoplanets close to their host stars is that they formed further out in their protoplanetary disk then migrated inwards to where we observe them today; perhaps this was due to a very distant snow line early in disk evolution when mass accretion rates (viscous dissipation) were high (assuming there is significant viscosity; §3.)
The fluctuating water conditions in the inner protoplanetary disk may play a role in shaping the chemistry and mineralogy of planetary building blocks that form there. Cuzzi and Zahnle (2004) originally suggested that water vapor levels could be enhanced by many orders of magnitude by the inward drift of solids, which may have explained how iron-bearing silicates were able to form (in the absence of extreme oxygen enhancements, Fe is expected only to exist in metallic form (e.g. Fedkin and Grossman 2006) ). However, it appears that such enhancements are limited to just a factor of a few, due to finite reservoirs of ices and the difficulty in growing large populations of very rapidly drifting solids (Ciesla and Cuzzi 2006; Estrada et al. 2016) . Later water vapor depletions would aid in the development of very reducing conditions, and may be required to explain the mineralogy observed in enstatite chondrites (Cyr et al. 1999; Hutson and Ruzicka 2000) .
It is worth noting that the evolution described here would not be limited to water alone. CO will freeze-out onto solids in protoplanetary disks at temperatures below ∼20 K ), and will be subjected to the same settle/drift-adsorb/desorb cycling described above. This will also lead to fluctuating distributions of CO in protoplanetary disks, something that must be remembered as this molecule is readily observed and used to trace gas evolution and mass (Williams and Best 2014) .
Final Remarks
Theoretical expectations of the positions of water snow lines in protoplanetary disks are unclear, due to the large uncertainties in dust opacities and the amount of viscous dissipation present. Unfortunately, observations so far do not provide meaningful constraints because of limited angular resolution and the significant dust optical depths in inner disks. Further progress might result from longer-wavelength interferometry to detect opacity transitions due to ice that arise from the fact that water ice on the surface of grains makes them more sticky, and thus able to grow to larger sizes than the rocky grains inside of the snow line . Additionally, more sophisticated disk models with advanced chemistry and radiative transfer is needed to take advantage of the current improvements in spatially-resolved dust and molecular emission in disks to provide further insight into the distribution of water. For now, all that can be said with reasonable confidence is that snow lines in protoplanetary disks around solar-type stars should lie in the range of a few to one AU, and move in with time as accretion slows and dust opacities decrease.
The existence of transitional disks, with large holes cleared of small dust at early ages, suggests that some planetesimal, embryo, or planet formation stages might occur during optically-thin phases of inner disks. If the formation of Jupiter could have produced such a transitional disk structure by preventing small dust from entering the inner Solar System, the effectively optically-thin temperature estimate of equation (2) might be relevant after all. 
